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Gaia will “fix” the distances

From A. Helmi @ ESO in 2020

The Gaia revolution  

Unparalleled dataset with motions and positions for 109 stars across the Milky Way 
 104 times more stars with full phase-space information; 106 volume increase; 100x more accurate 

Completely new view of the Galaxy!  

10% accuracy @ 10 kpc
10% accuracy @ 100 pc



 Spectral type   V [mag]    Vel. error
[km s-1]

B1V 7.5 1
11.3 15

G2V 12.3 1
15.2 15

  K1III-MP 
(metal-poor)  

12.8 1
15.7 15

http://www.cosmos.esa.int/web/gaia/science-performance 
Recio-Blanco et al. 2016 A&A 585 A93

Gaia’s offerings

• RVs to ~15.5 (tip RGB in 
the Bulge)


• Abundances to ~12.5 (a 
sun at 300 pc)

Need more 
(and longer) 
spectra at 
fainter 
magnitudes

http://www.cosmos.esa.int/web/gaia/science-performance


By ~2025
R (λ / Δλ) λ-coverage # stars

> 2000 full UV-NIR > 20 million

> 5000 full UV-NIR > 20 million

CaII NIR triplet 15% of all Gaia stars

20 000 UV ~4-6 million

20 000 NIR ~5 millions* + MOONS

GALAH LAMOST

PFS
*AS4/DISCO



Why all this effort? 



z ≈ 1 
z = 0

AgeUniverse ≈ 7 Gyr

z ≈ 3.4 

Elmegreen & Elmegreen (various)

?



MW and other galaxies

Papovich et al., 2015, ApJ 803 26

The Astrophysical Journal, 803:26 (24pp), 2015 April 10 Papovich et al.

locations of stars in the present universe. Galaxies with these
masses constitute the majority of the bright galaxy population
in the local universe: by number they represent 70% of the
intermediate-mass galaxy population (ranging from 3 × 1010

to 3 × 1011 M⊙), and they contain more than two-thirds of the
present-day stellar-mass density when integrated over the entire
mass function (e.g., Hammer et al. 2007). Despite the fact that
these galaxies are so ubiquitous and common, our knowledge of
the formation of these galaxies, such as the MW, is still largely
incomplete (Rix & Bovy 2013).

Both the MW and M31 have stellar masses very near the
present-day values of M∗, the characteristic stellar mass of the
galaxy stellar-mass function, which is described by the well-
known Schechter function (see, e.g., Bell et al. 2003; Baldry
et al. 2008; Ilbert et al. 2013; Moustakas et al. 2013; Muzzin
et al. 2013; Tomczak et al. 2014, and references therein),

φ(M∗) dM∗ = φ∗
(

M∗

M∗

)α

exp(−M∗/M
∗)

dM∗

M∗ . (1)

M∗ is a fundamental parameter and corresponds to the point
where the stellar-mass function transitions from a power law in
stellar mass to an exponentially declining cutoff.30 As illustrated
in Figure 1, M∗ sits near the peak of the stellar-mass-distribution
function (the product of the stellar-mass function and the stellar
mass): M∗ is the “mode” of the stellar-mass-density distribution
function. Therefore a typical star (such as the Sun) most
commonly resides in galaxies of this stellar mass at present (van
Dokkum et al. 2013).31 By studying the evolution of present-day
M∗ galaxies, we are able to learn about the most common sites
of stars in the present-day universe, including the formation of
the MW and M31.

The complex evolution of M∗ galaxies has been the focus
of galaxy formation models within cosmological simulations,
which include the properties of dark matter, gas accretion,
and feedback (e.g., Bournaud et al. 2007a; Elmegreen et al.
2008; Agertz et al. 2009; Dekel et al. 2009; Martig et al. 2009;
Martig & Bournaud 2010). These studies have included the
effects of cold gas flows, star-forming clump formation and
migration, and violent disk instabilities on bulge formation
(Ceverino et al. 2010, 2012; Sales et al. 2012; Zavala et al. 2012;
Dekel et al. 2009, 2013; Dekel & Burkert 2014). These models
make predictions for the relation between stellar-mass growth,
structural evolution, and the evolution of the star formation rate
(SFR), gas accretion rate, and gas fraction for galaxies with
masses of the MW and M31.

Comparing the predictions from models of M∗ galaxy for-
mation to data has been hindered by observational limitations.
The models predict that the progenitors of these galaxies should
have stellar masses of !1010 M⊙ at z " 2 (e.g., de Rossi et al.
2009; Moster et al. 2013; Behroozi et al. 2013a), and surveys
typically with the depth required to be complete for this stellar
mass have very small fields that lack the cosmic volume to trace

30 Although there is evidence that the galactic stellar-mass function is better
represented as a double-Schechter function these double-Schechter functions
are typically consistent with a single M∗ value, at least for z < 2, e.g., Baldry
et al. (2008) and Tomczak et al. (2014).
31 At any redshift the most common location of stars will be in galaxies
around the value M∗(z). Because M∗(z) does not evolve strongly with redshift
(see, e.g., Ilbert et al. 2013; Muzzin et al. 2013; Tomczak et al. 2014), it is only
at present (z = 0) that galaxies with masses like the MW and M31 are the most
common locations of stars. As we discuss in this paper, the progenitors of
MW-mass and M31-mass galaxies are lower than M∗ at earlier times (higher
redshift), and therefore the progenitors of the MW-mass and M31-mass
galaxies are not the most common locations of stars at earlier epochs.

Figure 1. Stellar-mass density distribution derived from the product of stellar
mass and the stellar-mass function at z ∼ 0.1 (Moustakas et al. 2013, see also
van Dokkum et al. 2013). These distributions peak around M∗, the characteristic
mass of the Schechter function, and the large shaded swath indicates the range
of low-redshift M∗ values in the literature. Our adopted values for the mass
of MW-mass galaxies (stellar mass of 5 × 1010 M⊙) and M31-mass galaxies
(1011 M⊙) are indicated in the figure. These are consistent with measurements
of the MW and M31 proper, where the smaller shaded regions near top of the
figure show the values for the MW and M31 from Mutch et al. (2011). Our
adopted values for the MW-mass and M31-mass galaxies span the full range of
M∗, allowing us to study the range of galaxies with masses near the mode of the
stellar-mass density distribution, and this includes possible formation histories
of our own Galaxy.

the progenitors of these galaxies across cosmic time in a homo-
geneous data set (e.g., to be complete for galaxies to this limiting
stellar mass at this redshift requires typically KAB " 24 mag;
see, for example, Bassett et al. 2013). Furthermore, although
simulations track the formation of individual MW-like galaxies
over long baselines in time, this is clearly not possible in obser-
vational surveys. Rather, to make empirical constraints requires
that we identify galaxies at high redshift that are statistically
similar to the progenitors of nearby galaxies observed over a
range of redshift.

Recent surveys, using very deep near-IR imaging have begun
to study the evolution of present-day galaxies such as the MW.
Using data from the 3D-HST and Cosmic Near-IR Deep Extra-
galactic Legacy Survey (CANDELS) surveys, van Dokkum et al.
(2013) studied the assembly history and evolution of structural
properties of galaxies with a present-day mass of an MW-sized
galaxy (assuming M∗ ≃ 5 × 1010 M⊙) by assuming the main
progenitors of these galaxies have constant (comoving) number
density at higher redshift. They found that ∼90% of the stellar
mass in these galaxies has been built since z ∼ 2.5 without
any significant merging. Patel et al. (2013a) focused on star-
forming progenitors of galaxies with a present-day stellar mass
of ≃3 × 1010 M⊙, based on the evolution of galaxies along the
star-forming “main sequence” (e.g., Noeske et al. 2007; Karim
et al. 2011; Leitner 2012). Both the studies of van Dokkum et al.
and Patel et al. found a peak SFR ≃ 10–15 M⊙ yr−1 at z ∼ 1–2

2



S. Comerón et al.: Evidence for the concurrent growth of thick discs and central mass concentrations from S4G imaging
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Fig. 3. Mass of the thick disc divided by that of the thin disc (first
panel), mass of the thick disc divided by that of the cold component
(second panel), mass of the CMC divided by that of the thick disc (third
panel), and mass of the hot component divided by that of the thin disc
(fourth panel), and mass of the hot component divided by that of the
cold component (fifth panel), as a function of the circular velocity. The
symbols indicate the properties of the CMC of each galaxy and follow
the same conventions as in Fig. 2 except for the triangles in the first,
second, third, and fourth and the bottom panels that indicate galaxies
with no detectable CMC. In the second and fifth panels, the two galax-
ies with no available 21-cm flux measurement are considered to have
Mg = 0.

the fraction of mass converted into stars in a galactic rotation,
and torb is the rotation period of the studied region (here we
use the formalism from Krumholz et al. 2012). In a single-
component disc in equilibrium (Spitzer 1942) the scale height
is z0 = σ2

z/(πGΣ). In a gas-rich disc, the Toomre parameter is
Q =

√
2(β + 1)σΩ/(πGΣ), where β describes the slope of the

rotation curve, and Ω is the angular rotation velocity (Krumholz
et al. 2012). If we assume that σz is roughly proportional to σ,
in a gas-rich galaxy with a single-component disc.

Σ̇∗ ∝
ϵorb

torb

2(β + 1)Ω2

πGQ2 z0 (6)

and the SFI is proportional to the scale height (Σ̇∗ ∝ z0).
Dynamically hot components, if born already hot, must have
formed at a time when the SFI was larger than it is today. Thick
discs being a consequence of turbulence caused by a high SFI
was already proposed by Lehnert et al. (2014). High turbulence
could also be caused by accretion energy (Elmegreen & Burkert
2010) and by gravitational instabilities and stirring from the
massive clumps that form in those instabilities, even without star
formation feedback (Bournaud et al. 2009).

The conditions for a large scale height were fulfilled during
the early disc phase of galaxies when the cosmic star formation
rate was larger than it is now (see Madau & Dickinson 2014,
for a recent review). This epoch overlaps with that of clumpy
discs described in Elmegreen & Elmegreen (2006). The size of
a clump formed by gravitational instabilities is about the Jeans’
length, and this is about the same as the disc thickness because
both depend on the ratio of the square of the velocity disper-
sion, σ, to the disc mass column density, Σ, so the inverse Jeans’
wavenumber is λJ = σ2/ (πGΣ). Thus the observed large sizes of
star-forming clumps in young galaxies serve as an indirect mea-
sure for large disc thicknesses: clumpy discs should also be thick
discs (Elmegreen et al. 2009). If the hot components formed at
that time, then the ratio the hot component mass (MT +MCMC)
to the thin disc mass (Mt) should be equal to the ratio of the SFR
multiplied by the duration of star formation for the hot and the
cool phases:

MT +MCMC

Mt
≈ Σ̇∗h × th
Σ̇∗t × tt

· (7)

From Fig. 3 we find that (MT +MCMC)/Mt ∼ 1. Therefore, be-
cause Σ̇∗h > Σ̇∗t (this is a consequence of Σ̇∗ ∝ z0), the time taken
to build the hot component was shorter than the time to build the
cool thin disc, th < tt. Assuming that th ∼ 1 Gyr (the approxi-
mate duration of the disc clumpy phase; Bournaud et al. 2007)
and tt ∼ 10 Gyr (the time elapsed since then), we find Σ̇∗h/Σ̇∗t
to be ∼10 with a large spread. However, this ratio is highly
dependent on the duration of the intense star formation phase.
Longer or shorter hot component formation times can change it
significantly. To exemplify this, we can calculate this ratio for
the Milky Way by using star formation histories in the litera-
ture. Snaith et al. (2014) claim that for the GalaxyMT/Mt ∼ 1.
They find that the thick disc formed in an intense star formation
phase that lasted for ∼3.5 Gyr and that the thin disc has formed
later during ∼9 Gyr. Assuming that the mass of the CMC of the
Milky Way is small compared to that of the disc components, we
obtain Σ̇∗h/Σ̇∗t ∼ 2.5.

5.2. Thick disc and CMC formation

The observations presented here suggest that about half of the
stars in a galaxy are in a hot and thick component. This is a
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Fig. 3. Mass of the thick disc divided by that of the thin disc (first
panel), mass of the thick disc divided by that of the cold component
(second panel), mass of the CMC divided by that of the thick disc (third
panel), and mass of the hot component divided by that of the thin disc
(fourth panel), and mass of the hot component divided by that of the
cold component (fifth panel), as a function of the circular velocity. The
symbols indicate the properties of the CMC of each galaxy and follow
the same conventions as in Fig. 2 except for the triangles in the first,
second, third, and fourth and the bottom panels that indicate galaxies
with no detectable CMC. In the second and fifth panels, the two galax-
ies with no available 21-cm flux measurement are considered to have
Mg = 0.

the fraction of mass converted into stars in a galactic rotation,
and torb is the rotation period of the studied region (here we
use the formalism from Krumholz et al. 2012). In a single-
component disc in equilibrium (Spitzer 1942) the scale height
is z0 = σ2

z/(πGΣ). In a gas-rich disc, the Toomre parameter is
Q =

√
2(β + 1)σΩ/(πGΣ), where β describes the slope of the

rotation curve, and Ω is the angular rotation velocity (Krumholz
et al. 2012). If we assume that σz is roughly proportional to σ,
in a gas-rich galaxy with a single-component disc.

Σ̇∗ ∝
ϵorb

torb

2(β + 1)Ω2

πGQ2 z0 (6)

and the SFI is proportional to the scale height (Σ̇∗ ∝ z0).
Dynamically hot components, if born already hot, must have
formed at a time when the SFI was larger than it is today. Thick
discs being a consequence of turbulence caused by a high SFI
was already proposed by Lehnert et al. (2014). High turbulence
could also be caused by accretion energy (Elmegreen & Burkert
2010) and by gravitational instabilities and stirring from the
massive clumps that form in those instabilities, even without star
formation feedback (Bournaud et al. 2009).

The conditions for a large scale height were fulfilled during
the early disc phase of galaxies when the cosmic star formation
rate was larger than it is now (see Madau & Dickinson 2014,
for a recent review). This epoch overlaps with that of clumpy
discs described in Elmegreen & Elmegreen (2006). The size of
a clump formed by gravitational instabilities is about the Jeans’
length, and this is about the same as the disc thickness because
both depend on the ratio of the square of the velocity disper-
sion, σ, to the disc mass column density, Σ, so the inverse Jeans’
wavenumber is λJ = σ2/ (πGΣ). Thus the observed large sizes of
star-forming clumps in young galaxies serve as an indirect mea-
sure for large disc thicknesses: clumpy discs should also be thick
discs (Elmegreen et al. 2009). If the hot components formed at
that time, then the ratio the hot component mass (MT +MCMC)
to the thin disc mass (Mt) should be equal to the ratio of the SFR
multiplied by the duration of star formation for the hot and the
cool phases:

MT +MCMC

Mt
≈ Σ̇∗h × th
Σ̇∗t × tt

· (7)

From Fig. 3 we find that (MT +MCMC)/Mt ∼ 1. Therefore, be-
cause Σ̇∗h > Σ̇∗t (this is a consequence of Σ̇∗ ∝ z0), the time taken
to build the hot component was shorter than the time to build the
cool thin disc, th < tt. Assuming that th ∼ 1 Gyr (the approxi-
mate duration of the disc clumpy phase; Bournaud et al. 2007)
and tt ∼ 10 Gyr (the time elapsed since then), we find Σ̇∗h/Σ̇∗t
to be ∼10 with a large spread. However, this ratio is highly
dependent on the duration of the intense star formation phase.
Longer or shorter hot component formation times can change it
significantly. To exemplify this, we can calculate this ratio for
the Milky Way by using star formation histories in the litera-
ture. Snaith et al. (2014) claim that for the GalaxyMT/Mt ∼ 1.
They find that the thick disc formed in an intense star formation
phase that lasted for ∼3.5 Gyr and that the thin disc has formed
later during ∼9 Gyr. Assuming that the mass of the CMC of the
Milky Way is small compared to that of the disc components, we
obtain Σ̇∗h/Σ̇∗t ∼ 2.5.

5.2. Thick disc and CMC formation

The observations presented here suggest that about half of the
stars in a galaxy are in a hot and thick component. This is a
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Fig. 3. Mass of the thick disc divided by that of the thin disc (first
panel), mass of the thick disc divided by that of the cold component
(second panel), mass of the CMC divided by that of the thick disc (third
panel), and mass of the hot component divided by that of the thin disc
(fourth panel), and mass of the hot component divided by that of the
cold component (fifth panel), as a function of the circular velocity. The
symbols indicate the properties of the CMC of each galaxy and follow
the same conventions as in Fig. 2 except for the triangles in the first,
second, third, and fourth and the bottom panels that indicate galaxies
with no detectable CMC. In the second and fifth panels, the two galax-
ies with no available 21-cm flux measurement are considered to have
Mg = 0.

the fraction of mass converted into stars in a galactic rotation,
and torb is the rotation period of the studied region (here we
use the formalism from Krumholz et al. 2012). In a single-
component disc in equilibrium (Spitzer 1942) the scale height
is z0 = σ2

z/(πGΣ). In a gas-rich disc, the Toomre parameter is
Q =

√
2(β + 1)σΩ/(πGΣ), where β describes the slope of the

rotation curve, and Ω is the angular rotation velocity (Krumholz
et al. 2012). If we assume that σz is roughly proportional to σ,
in a gas-rich galaxy with a single-component disc.

Σ̇∗ ∝
ϵorb

torb

2(β + 1)Ω2

πGQ2 z0 (6)

and the SFI is proportional to the scale height (Σ̇∗ ∝ z0).
Dynamically hot components, if born already hot, must have
formed at a time when the SFI was larger than it is today. Thick
discs being a consequence of turbulence caused by a high SFI
was already proposed by Lehnert et al. (2014). High turbulence
could also be caused by accretion energy (Elmegreen & Burkert
2010) and by gravitational instabilities and stirring from the
massive clumps that form in those instabilities, even without star
formation feedback (Bournaud et al. 2009).

The conditions for a large scale height were fulfilled during
the early disc phase of galaxies when the cosmic star formation
rate was larger than it is now (see Madau & Dickinson 2014,
for a recent review). This epoch overlaps with that of clumpy
discs described in Elmegreen & Elmegreen (2006). The size of
a clump formed by gravitational instabilities is about the Jeans’
length, and this is about the same as the disc thickness because
both depend on the ratio of the square of the velocity disper-
sion, σ, to the disc mass column density, Σ, so the inverse Jeans’
wavenumber is λJ = σ2/ (πGΣ). Thus the observed large sizes of
star-forming clumps in young galaxies serve as an indirect mea-
sure for large disc thicknesses: clumpy discs should also be thick
discs (Elmegreen et al. 2009). If the hot components formed at
that time, then the ratio the hot component mass (MT +MCMC)
to the thin disc mass (Mt) should be equal to the ratio of the SFR
multiplied by the duration of star formation for the hot and the
cool phases:

MT +MCMC

Mt
≈ Σ̇∗h × th
Σ̇∗t × tt

· (7)

From Fig. 3 we find that (MT +MCMC)/Mt ∼ 1. Therefore, be-
cause Σ̇∗h > Σ̇∗t (this is a consequence of Σ̇∗ ∝ z0), the time taken
to build the hot component was shorter than the time to build the
cool thin disc, th < tt. Assuming that th ∼ 1 Gyr (the approxi-
mate duration of the disc clumpy phase; Bournaud et al. 2007)
and tt ∼ 10 Gyr (the time elapsed since then), we find Σ̇∗h/Σ̇∗t
to be ∼10 with a large spread. However, this ratio is highly
dependent on the duration of the intense star formation phase.
Longer or shorter hot component formation times can change it
significantly. To exemplify this, we can calculate this ratio for
the Milky Way by using star formation histories in the litera-
ture. Snaith et al. (2014) claim that for the GalaxyMT/Mt ∼ 1.
They find that the thick disc formed in an intense star formation
phase that lasted for ∼3.5 Gyr and that the thin disc has formed
later during ∼9 Gyr. Assuming that the mass of the CMC of the
Milky Way is small compared to that of the disc components, we
obtain Σ̇∗h/Σ̇∗t ∼ 2.5.

5.2. Thick disc and CMC formation

The observations presented here suggest that about half of the
stars in a galaxy are in a hot and thick component. This is a
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Fig. 3. Mass of the thick disc divided by that of the thin disc (first
panel), mass of the thick disc divided by that of the cold component
(second panel), mass of the CMC divided by that of the thick disc (third
panel), and mass of the hot component divided by that of the thin disc
(fourth panel), and mass of the hot component divided by that of the
cold component (fifth panel), as a function of the circular velocity. The
symbols indicate the properties of the CMC of each galaxy and follow
the same conventions as in Fig. 2 except for the triangles in the first,
second, third, and fourth and the bottom panels that indicate galaxies
with no detectable CMC. In the second and fifth panels, the two galax-
ies with no available 21-cm flux measurement are considered to have
Mg = 0.

the fraction of mass converted into stars in a galactic rotation,
and torb is the rotation period of the studied region (here we
use the formalism from Krumholz et al. 2012). In a single-
component disc in equilibrium (Spitzer 1942) the scale height
is z0 = σ2

z/(πGΣ). In a gas-rich disc, the Toomre parameter is
Q =

√
2(β + 1)σΩ/(πGΣ), where β describes the slope of the

rotation curve, and Ω is the angular rotation velocity (Krumholz
et al. 2012). If we assume that σz is roughly proportional to σ,
in a gas-rich galaxy with a single-component disc.

Σ̇∗ ∝
ϵorb

torb

2(β + 1)Ω2

πGQ2 z0 (6)

and the SFI is proportional to the scale height (Σ̇∗ ∝ z0).
Dynamically hot components, if born already hot, must have
formed at a time when the SFI was larger than it is today. Thick
discs being a consequence of turbulence caused by a high SFI
was already proposed by Lehnert et al. (2014). High turbulence
could also be caused by accretion energy (Elmegreen & Burkert
2010) and by gravitational instabilities and stirring from the
massive clumps that form in those instabilities, even without star
formation feedback (Bournaud et al. 2009).

The conditions for a large scale height were fulfilled during
the early disc phase of galaxies when the cosmic star formation
rate was larger than it is now (see Madau & Dickinson 2014,
for a recent review). This epoch overlaps with that of clumpy
discs described in Elmegreen & Elmegreen (2006). The size of
a clump formed by gravitational instabilities is about the Jeans’
length, and this is about the same as the disc thickness because
both depend on the ratio of the square of the velocity disper-
sion, σ, to the disc mass column density, Σ, so the inverse Jeans’
wavenumber is λJ = σ2/ (πGΣ). Thus the observed large sizes of
star-forming clumps in young galaxies serve as an indirect mea-
sure for large disc thicknesses: clumpy discs should also be thick
discs (Elmegreen et al. 2009). If the hot components formed at
that time, then the ratio the hot component mass (MT +MCMC)
to the thin disc mass (Mt) should be equal to the ratio of the SFR
multiplied by the duration of star formation for the hot and the
cool phases:

MT +MCMC

Mt
≈ Σ̇∗h × th
Σ̇∗t × tt

· (7)

From Fig. 3 we find that (MT +MCMC)/Mt ∼ 1. Therefore, be-
cause Σ̇∗h > Σ̇∗t (this is a consequence of Σ̇∗ ∝ z0), the time taken
to build the hot component was shorter than the time to build the
cool thin disc, th < tt. Assuming that th ∼ 1 Gyr (the approxi-
mate duration of the disc clumpy phase; Bournaud et al. 2007)
and tt ∼ 10 Gyr (the time elapsed since then), we find Σ̇∗h/Σ̇∗t
to be ∼10 with a large spread. However, this ratio is highly
dependent on the duration of the intense star formation phase.
Longer or shorter hot component formation times can change it
significantly. To exemplify this, we can calculate this ratio for
the Milky Way by using star formation histories in the litera-
ture. Snaith et al. (2014) claim that for the GalaxyMT/Mt ∼ 1.
They find that the thick disc formed in an intense star formation
phase that lasted for ∼3.5 Gyr and that the thin disc has formed
later during ∼9 Gyr. Assuming that the mass of the CMC of the
Milky Way is small compared to that of the disc components, we
obtain Σ̇∗h/Σ̇∗t ∼ 2.5.

5.2. Thick disc and CMC formation

The observations presented here suggest that about half of the
stars in a galaxy are in a hot and thick component. This is a
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MW progenitors

van Dokkum et al., 2013, ApJL 771 L35 
Diemer et al. arXiv:1701.02308 

•More than half of the present-day mass was 
assembled in the 3 Gyrs between z = 2.5 and z = 1 

• Build up of stellar mass at all radii until z ≈ 0.5
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Figure 3. Surface density profiles from z = 2.5 to z = 0, as measured from averaged, PSF-corrected rest-frame g-band images in each redshift bin. The horizontal axis
is linear in (a) and logarithmic in (b). The galaxy image is randomly chosen from our SDSS sample to illustrate the radial extent of the profiles. The main evolution
is in normalization, which is determined by MMW(z) (Equation (1)). The profile shapes are very similar from z ∼ 2.5 to z ∼ 1, which implies that the galaxies are
building up mass at all radii. After z ∼ 1 the central regions gradually stop growing but the disk continues to build up.
(A color version of this figure is available in the online journal.)

It is clear from Figure 2 that present-day galaxies with the
mass of the Milky Way have changed over cosmic time. The
most obvious change is that galaxies became redder with time,
particularly after z ∼ 1, indicative of a decrease in the specific
SFR. The galaxies also appear brighter at lower redshift in
Figure 2, reflecting the mass evolution of Equation (1). A
striking aspect of this change in brightness, and a central result
of this Letter, is that the bulges appear to change nearly as
much as the disks, particularly at z > 1. We do not see high-
density “naked bulges” at z ∼ 2 around which disks gradually
assembled. Instead, the central densities at z ∼ 2 were much
lower than the central densities at z ∼ 0. We quantify this result
in the remainder of the Letter.

3.2. Evolution of Surface Density Profiles

We first analyze the surface density profiles of the galaxies,
in order to study their mass growth as a function of radial
distance from their centers. Following van Dokkum et al. (2010)
we measured the profiles from stacked images to increase the
signal-to-noise ratio. The galaxies were grouped in six bins
with mean redshifts 0.015, 0.60, 1.0, 1.5, 2.0, and 2.4. Each bin
contains 40–90 galaxies. The rest-frame u- and g-band images
in each bin were normalized and stacked, aggressively masking
all neighboring objects.

The image stacks were corrected for the effects of the
point-spread function (PSF) following the method outlined in
Szomoru et al. (2010). First, a two-dimensional Sérsic (1968)
model, convolved with the PSF, was fit to the stacks using the
GALFIT code (Peng et al. 2010). Then the residuals of this
fit were added to the unconvolved Sérsic model. As shown
in Szomoru et al. (2010), this method reconstructs the true
flux distribution with high fidelity, even for galaxies that are
poorly fit by Sérsic profiles. The resulting radial surface density
profiles are shown in Figure 3. The profiles are derived from the

rest-frame g-band images and scaled such that the total mass
within a diameter of 50 kpc is equal to MMW(z). Error bars were
determined from bootstrapping (see van Dokkum et al. 2010).
We note here that the u − g color gradients of the stacks are
small (≈0.1 dex−1) at all redshifts, consistent with other studies
(e.g., Szomoru et al. 2013).

There is strong evolution in the overall normalization of the
profiles from z = 2.5 to z = 1 and less evolution thereafter,
reflecting the mass evolution of Equation (1). The evolution
from z = 2.5 to z = 1 is strikingly uniform: the profiles are
roughly parallel to one another in Figure 3(b), and rather than
assembling only inside out the galaxies increase their mass at
all radii. This is in marked contrast to more massive galaxies,
which form their cores early and exclusively build up their outer
parts over this redshift range (see Figure 6 in van Dokkum
et al. 2010 and Figure 6 in Patel et al. 2013). After z ∼ 1,
the evolution in the central parts slows down but the outer
parts continue to build up, consistent with the visual impression
that around this time the classical “quiescent bulge and star-
forming disk” structure of spiral galaxies was established (see
Figure 2).

3.3. Mass Growth at Different Radii

We explicitly show the mass growth at different radii in
Figure 4(a). From z = 2.5 to z = 1, the mass outside of
r = 2 kpc increased by 0.8 ± 0.1 dex and the mass inside
2 kpc increased by 0.5 ± 0.1 dex. Although the mass evolution
is slightly faster at large radii than at small radii, the trend is
qualitatively different from that seen in more massive galaxies:
after z ∼ 2 the mass within 2 kpc is constant to within 0.1 dex for
galaxies with log(M/M⊙)(z = 0) = 11.2 (see Figure 7 of Patel
et al. 2013). At later times the central mass growth decreases:
from z = 1 to z = 0 the mass within 2 kpc grows by only
0.09 ± 0.04 dex.
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is in normalization, which is determined by MMW(z) (Equation (1)). The profile shapes are very similar from z ∼ 2.5 to z ∼ 1, which implies that the galaxies are
building up mass at all radii. After z ∼ 1 the central regions gradually stop growing but the disk continues to build up.
(A color version of this figure is available in the online journal.)
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particularly after z ∼ 1, indicative of a decrease in the specific
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Figure 2, reflecting the mass evolution of Equation (1). A
striking aspect of this change in brightness, and a central result
of this Letter, is that the bulges appear to change nearly as
much as the disks, particularly at z > 1. We do not see high-
density “naked bulges” at z ∼ 2 around which disks gradually
assembled. Instead, the central densities at z ∼ 2 were much
lower than the central densities at z ∼ 0. We quantify this result
in the remainder of the Letter.
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in order to study their mass growth as a function of radial
distance from their centers. Following van Dokkum et al. (2010)
we measured the profiles from stacked images to increase the
signal-to-noise ratio. The galaxies were grouped in six bins
with mean redshifts 0.015, 0.60, 1.0, 1.5, 2.0, and 2.4. Each bin
contains 40–90 galaxies. The rest-frame u- and g-band images
in each bin were normalized and stacked, aggressively masking
all neighboring objects.

The image stacks were corrected for the effects of the
point-spread function (PSF) following the method outlined in
Szomoru et al. (2010). First, a two-dimensional Sérsic (1968)
model, convolved with the PSF, was fit to the stacks using the
GALFIT code (Peng et al. 2010). Then the residuals of this
fit were added to the unconvolved Sérsic model. As shown
in Szomoru et al. (2010), this method reconstructs the true
flux distribution with high fidelity, even for galaxies that are
poorly fit by Sérsic profiles. The resulting radial surface density
profiles are shown in Figure 3. The profiles are derived from the

rest-frame g-band images and scaled such that the total mass
within a diameter of 50 kpc is equal to MMW(z). Error bars were
determined from bootstrapping (see van Dokkum et al. 2010).
We note here that the u − g color gradients of the stacks are
small (≈0.1 dex−1) at all redshifts, consistent with other studies
(e.g., Szomoru et al. 2013).

There is strong evolution in the overall normalization of the
profiles from z = 2.5 to z = 1 and less evolution thereafter,
reflecting the mass evolution of Equation (1). The evolution
from z = 2.5 to z = 1 is strikingly uniform: the profiles are
roughly parallel to one another in Figure 3(b), and rather than
assembling only inside out the galaxies increase their mass at
all radii. This is in marked contrast to more massive galaxies,
which form their cores early and exclusively build up their outer
parts over this redshift range (see Figure 6 in van Dokkum
et al. 2010 and Figure 6 in Patel et al. 2013). After z ∼ 1,
the evolution in the central parts slows down but the outer
parts continue to build up, consistent with the visual impression
that around this time the classical “quiescent bulge and star-
forming disk” structure of spiral galaxies was established (see
Figure 2).

3.3. Mass Growth at Different Radii

We explicitly show the mass growth at different radii in
Figure 4(a). From z = 2.5 to z = 1, the mass outside of
r = 2 kpc increased by 0.8 ± 0.1 dex and the mass inside
2 kpc increased by 0.5 ± 0.1 dex. Although the mass evolution
is slightly faster at large radii than at small radii, the trend is
qualitatively different from that seen in more massive galaxies:
after z ∼ 2 the mass within 2 kpc is constant to within 0.1 dex for
galaxies with log(M/M⊙)(z = 0) = 11.2 (see Figure 7 of Patel
et al. 2013). At later times the central mass growth decreases:
from z = 1 to z = 0 the mass within 2 kpc grows by only
0.09 ± 0.04 dex.
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Differing growth paths

216 R. J. J. Grand et al.

Figure 14. The distance from the halo centre of the five most massive subhaloes as a function of time, for each halo. The colours indicate the total mass of
each subhalo.

Figure 15. The vertical velocity dispersion of star particles, in the radial range that spans 2–3Rs, of coeval star particles at present day (solid curves) and at
birth (triangles), for all simulations. For illustration purposes, we spread the plots across four panels.

MNRAS 459, 199–219 (2016)

Au25: Slow, smooth build up of 
velocity dispersion. All stars formed in 
the galaxy and subsequently heated.

Au19: Sharp increase when satellite 
hit. SFH shows stars accreted as well 
as formed in situ.

Grand et al. 2016 MNRAS 459 199  
Martig et al. 2012 ApJ 756 26

The Astrophysical Journal, 756:26 (29pp), 2012 September 1 Martig et al.

Figure 14. Evolution of the mass of the dispersion-dominated component (bulge+bar as measured by kinematics technique) with redshift. The three panels show the
fraction of the mass of this component already in place at high redshift (left panel: z = 2; middle: z = 1; right: z = 0.5) as a function of the total bulge+bar mass at
z = 0. The color code indicates the value of ϵs at z = 0 for each galaxy, it is thus related to the amount of rotation in the central regions, i.e., to the presence of a bar
or a rotating bulge.
(A color version of this figure is available in the online journal.)

Figure 15. Evolution of the (bulge+bar)-to-total ratio (bulge+bar as measured by kinematics) with redshift. The three panels show B/T at different redshifts (left
panel: z = 2; middle: z = 1; right: z = 0.5) as a function of B/T at z = 0. The color code is the same as in Figure 14.
(A color version of this figure is available in the online journal.)

Figure 16. Evolution of the mass of the (bulge+bar)-to-total ratio with redshift
for galaxies with B/T < 0.4 at z = 0. A large diversity of histories can give
birth to galaxies with a similar bulge-bar fraction at z = 0. The two red lines
correspond to galaxies with the same final B/T, but at z = 1 one is a pure
elliptical, and the other is a pure disk. The general trend between z = 1 and
z = 0 is a decrease in the bulge fraction, except for galaxies that are nearly
bulgeless at z = 1.
(A color version of this figure is available in the online journal.)

redshift (equal to 0.54) as the limit between the samples. For
each sample, we show in Figure 17 the range of final values of
B/T reached at z = 0. Both bulge- and disk-dominated z = 1
galaxies have a large (and similar) range of z = 0 morphologies.
We might even see a slight anti-correlation between the bulge
content at z = 1 and 0, with z = 1 disk-dominated galaxies
tending to be more bulge-dominated at z = 0.

This is also related to the fact that pure disks at z = 1
do not remain bulgeless until z = 0: either a bar or a bulge
grows in between. These pure disks are indeed very unstable,
and even a small perturbation can destroy them. We find for
instance the case of a galaxy that is bulgeless until z = 0.2,
when a flyby happens and triggers bulge formation (this is the
last galaxy of Figure 32). This is consistent with the studies of
minor mergers performed by Cox et al. (2008), where bulges are
shown to stabilize disks, and to suppress merger-driven inflows
and associated star formation, so that bulgeless galaxies are
much more fragile.

In contrast to the high-redshift results, there is more corre-
lation between B/T at z = 0.5 and z = 0 (the right panel of
Figure 15). This correlation is actually closer to a bimodal be-
havior since galaxies appear to be separated into two different
sequences. For one sequence, the bulge-bar content decreases
between z = 0.5 and 0, these are the galaxies that have no
(or nearly no) bar at z = 0 (blue circles in Figure 15). The
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Two galaxies - at z=1 one is an 
elliptical the other a disc galaxy, at z=0 
they have the same B/T.
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Establishing present 
day make-up of the 

Milky Way
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FoV

λ coverage

Telescope 
size 

# fibres
Size of 
fibre 

holder

Survey 
time

• # stars  
• stellar properties 
• quality of data

All surveys have their own 

characteristics set largely by instrument 

design and available observing time 



APOGEE, MOONS —>

MOONS: 0.7-0.9, 1.17-1.26, 1.52-1.63 μm

APOGEE: 1.51 – 1.70 μm

4MOST: 
Ructhi et al. 2016 MNRAS 461 2174   
Hansen et al. 2015 AN 336 665

Wavelength coverage
400 – 900 nmR ~20 000

400 600 λ (nm) 800

R ~2000 

–10000

500 1500    λ (nm)
1000



• WEAVE GA survey facility will provide ~4 million stellar spectra
• 1000 fibres, pick and place positioner, closest separation ~60”, reconfiguration time 

~1 h during observations with the other plate
• PDR completed 2013; system integration started in 2016; operations start 2018; 5 yr 

survey

WHT

www.ing.iac.es/weave/

http://www.ing.iac.es/weave/


The WEAVE disk dynamics survey 285

Fig. 1. The WEAVE disk dynamics survey footprint. IMWD 5 pointings: blue; IMWD 1 pointing: red; OMWD LR:

orange; OMWD HR: green. Open circles are the original lines-of-sight for the HR chemodynamical survey.
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WEAVE disk dynamics 
survey

• Inner MW disk survey 
– low resolution in 20° < l < 135° and |b|<6°

– only red clump stars (ie also when Gaia π are bad you get distance)

– detailed study of the effects of the bar and spiral arms on stellar dynamics in 

the inner Galaxy — understand secular evolution


• Outer MW disk survey 
– low resolution in 135° < l < 225° up to  |b|~10° but for |b|>5° high resolution

– effects of mergers and interactions of satellites or dark matter clumps on the 

disk becomes important in the outer disk 

– means flaring, corrugation waves, the presence of accretion debris, etc, at the 

interface between the thin, thick disk and the halo  

– interface between the disk and the halo is particularly important there, hence 

higher Galactic latitudes must be probed

– complementary to Gaia & 
4MOST; competitive with 
APOGEE

Famaey et al. 2016 SF2A 281 



• 4MOST survey facility will go on the VISTA 
telescope 


• Low res: 1600 and High res 800 HR fibres, 
echidna  positioner, reconfigure < 2min


• PDR passed in June 2016; FDR early 2018; 
operations start 2022


• 5+5 yr all-sky survey

• Consortium surveys (70% time first 5 yrs)

• ~15 million spectra for community proposals 

• Still possible to join consortium

https://www.4most.eu

de Jong et al. (SPIE 2016)

Walcher et al. (SPIE 2016)


PI: Roelof de Jong

https://www.4most.eu


MW science in a nutshell
• Near-field cosmology tests  

– overall mass, extent and structure of the MW dark matter halo

– the nature of dark matter from tidal stream properties 


• Characterising the major Milky Way components 
– the formation of the Bulge and the link to the high Z universe

– the potential, substructure and influence of the central bar

– chemodynamical analysis of the thick & thin disks formation history


• The Galactic Halo and beyond 
– full chemodynamical analysis of the Magellanic Clouds

– the properites of large scale streams (e.g. Sgr) in the Halo

– probing the extent and properties of the stellar halo (e.g. RGBs, BHBs)


• Extreme metal poor stars  
– characterising early chemical evolution in the Halo and Bulge

Chiappini 
Minchev 

Starkenburg 
Bergemann 

Bensby

Cioni

Helmi 
Irwin 

Christlieb

4MOST Science Team, Feltzing et al 2017 arXiv:1708.08884  



Some numbers
>1.8 million (goal 3) objects with LRS

All halo giants with 15 < V < 20

> 10 000 square degrees, contiguous

100 000 genuine halo stars with HRS

(catalogue larger but contaminated)

12 < V < 16

Sparse sample over 14 000 sq deg

Defines blue arm of HRS in 4MOST

20 elements

σ(RV) < 2 km/s to match Gaia’s error

in parallax

>15 million (goal 20) objects with low 
resolution spectra 
14 < V < 20

Several sub-surveys to optimise 
science

Goal 4 million stars with high 
resolution spectra

14 < V < 16

Evenly distributed

Defines green and red arm of HRS in 
4MOST 20 elements

precision ~0.03 dex (acc. 0.07 dex)

σ(RV) < 2 km/s to match Gaia’s error

in parallax

precision ~0.1-0.2 dex 

Low resolution surveys High resolution surveys
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Worries 
Things to consider 
before interpreting



Selection function

• Significant structure, including flaring

• Also seen in APOGEE data for giant stars

• Models can explain this flaring

Xiang et al. 2017 arXiv:1707.06236 
Minchev 2017 arXiv:1701.07034 
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tant constrains on the chemical enrichment history of
the Galactic disk – it is possible that they result from
two different global chemical enrichment processes of the
Galactic disk. Interestingly, utilizing about 20,000 sub-
giant stars selected from the LAMOST DR2, Liu et al.
(2015) find evidence of a ‘narrow stripe’ of stars along-
side with the ‘main stripe’ stars in the age–[Fe/H] plane.
They interpret those ‘narrow stripe’ stars as migrators.
However, we note that their sample is less complete than
ours in the age–[Fe/H] plane as their sample lacks both
metal-rich and metal-poor young (< 4Gyr) stars (see
their Fig. 7). Secondly, there is a considerable fraction
of intermediate-aged (5–8Gyr) stars of [Fe/H] > 0.3 dex.
As a result, the density contours at the metal-rich end
show positive slopes. One possible origin of these pos-
itive trends is that those metal-rich stars are migrators
from the inner disk – the older the stars the further from
the inside as they have longer time to reach their current
positions (Loebman et al. 2011). Alternatively, a nat-
ural explanation of those positive trends is the mixing
of stars from the two sequences of age–[Fe/H] relations –
the intermediate-aged stars of [Fe/H] > 0.3 dex belong to
the older sequence, whereas the young, metal-rich stars
are mainly composed of stars following the younger se-
quence. In addition, there are a considerable number of
young (< 4Gyr) metal-poor stars in our sample, some
of them can be as metal-poor as (! −0.6dex) the oldest
(> 10Gyr) ones. The origin of those young yet metal-
poor stars, as well as that for the young [α/H]-poor
stars in Fig. 21, needs to be further studied. Finally,
we note that the distribution also shows a number of
substructures/over-densities whose genuineness and ori-
gins remain to be further studied.

6.5. Distribution of stellar ages in the R – Z plane

Fig. 23 plots the median age of stars at different posi-
tions across the R–Z plane of the Galactic disk. Here R
is the projected Galactocentric distance in the disk mid-
plane, and Z the height above the disk mid-plane. The
top panel presents results from all of the sample stars.
Generally, the data exhibit negative age gradients in the
radial and positive age gradients in the vertical direc-
tion. At small heights, the outer disk of R " 9 kpc is
dominated by young (!2Gyr) stars, which reach larger
heights above the disk plane at the farther disk, which
exhibits a strong flare in median stellar age. The inner
disk (R ! 9 kpc) exhibits a positive vertical age gradi-
ent for |Z| ! 1 kpc, while at larger heights above the
disk plane, old ("10Gyr) stars dominate the popula-
tion with no significant vertical gradients. However, for
many bins near the boundary of the R−Z plane covered
by the sample stars, the stellar populations are domi-
nated by unexpected young to intermediate-aged stars.
At large height, e.g. Z > 2 kpc, those unexpected fea-
tures are likely caused by blue stragglers whose ages have
been artificially underestimated, as will be discussed in
§7. Those stars are usually hot and bright thus can be
detected at large distances. To reduce the contamina-
tions of blue stragglers, in the bottom panel of Fig. 23,
we present the age distribution after excluding stars of
Teff > 7000K. The result shows much more clean pat-
terns, and the unexpected young populations at large
heights in the inner disk now largely disappear. On the
other hand, since intrinsically young stars are also dis-

Figure 23. Color-coded distributions of the median age for stars
in different spatial bins of the R − Z plane. The adopted bin size
is 0.4 kpc in the R direction and 0.2 kpc in the Z direction. The
upper panel shows results of the whole sample stars, while the lower
panel is for sample stars of Teff < 7000K.

carded by the temperature cut, the outer disk exhibits
systematically older ages compared to those shown in
the top panel. Nevertheless, the overall structures and
patterns remain unaffected.
A radial age gradient of the geometrically thick

disk was also presented by Martig et al. (2016b)
using giants from the APOGEE survey. A flar-
ing young stellar disk in the outer part has
been observed previously via star counts (e.g.
Derriere & Robin 2001; López-Corredoira et al. 2002;
López-Corredoira & Molgó 2014) and well repro-
duced by simulations (e.g. Narayan & Jog 2002;
Rahimi, Carrell & Kawata 2014; Minchev et al. 2015)
as a suggested consequence of weaker restoring force
at the outer Galactocentric radii. Nevertheless, Fig. 23
demonstrates the first explicit picture of disk flare in
stellar age, which will provide further constrains on disk
flare models.
Note however that our results are no doubt affected

by some selection effects since the sample is a magnitude
limited one. Younger stars tend to be brighter thus probe
larger volume than older, fainter stars. The unexpected
young stellar ages near the boundary of the R-Z plane
at small heights of the inner disk are likely due to such
selection effects. Age distribution in the outer disk is
probably also suffering severe biases due to selection ef-
fects. A detailed and quantitative study of the selection
effects of our sample stars is beyond the scope of this
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Minchev et al.: Constraining the Milky Way

Fig. 14
Background image is of the Milky Way analog

galaxy NGC 891 (Credit: Adam Block, Mt. Lemmon Sky-

Center, University of Arizona). Overlaid are color curves

that show the flares from groups of stars with similar ages,

as in top panel of Fig. 13 but scaled to the observed galaxy.

When all stars are put together, the disc has roughly constant

thickness, illustrated by the straight white lines.

In contrast to the flaring found for all but the youngest

mono-age populations, the thin and thick disc decomposi-

tion of the total stellar population including all ages, results

in no apparent flaring. This is shown by the triangle and

square symbols overlaid in the top panel of Fig. 13.

What is
the

reason
for the

flaring
of mono-

age
discs?

In
numerical simulations flaring

is ex-

pected to result from
a number of mechanisms re-

lated
to
galactic evolution

in
a
cosmological con-

text (e.g., Aumer & White 2013; Bournaud et al. 2009;

Kazantzidis et al. 2008; Villalobos & Helmi 2008). Even in

the absence of environmental effects, flaring is unavoidable

due to secular evolution alone (radial migration caused by

spirals and/or a central bar, Minchev et al. 2012a). It should

be stressed here that, while migration flares discs in the lack

of external perturbations, during satellite-disc interactions it

works against disc flaring (Minchev et al. 2014a, see §6.1).

Yet, this is not sufficient to completely suppress the flaring

induced by orbiting satellites, as evident from the top row

of Fig. 13. This suggests that external effects are much more

important for the disc flaring in this simulation. Because the

mass and intensity of orbiting satellites generally decreases

with decreasing redshift, so does the flaring induced. It can

be expected that at a certain time secular evolution takes

over the effect of external perturbations. 6

What is the reason for the lack of flaring in the total

disc population? In an inside-out formation scenario, the

outer disc edge, where flaring is induced, moves progres-

sively from smaller to larger radii because of the continuous

formation of new stars in disc subpopulations of increasing

6
Minchev et al. (2014b) suggested that the time at which internal evo-

lution takes over can also be inferred from the shape of the [α/Fe]-velocity

dispersion relation of narrow metallicity samples.

scale-length. At the same time the frequency and masses

of perturbing satellites decreases. Because of the inside-out

disc growth, which results in more centrally concentrated

older samples (see Fig. 13, middle panel), the younger the

stellar population, the further out it dominates in terms of

stellar mass. The geometrically defined thick disc, therefore,

results from the imbedded flares of different coeval popula-

tions, as seen in the top panel of Fig. 13.

The bottom panel of Fig. 13 shows that a geometri-

cal thick disc is expected to have a negative age gradient.

For this particular simulation the mean age decreases from

∼ 10.5 to ∼ 6 Gyr in four disc scale-lengths. Such an age

drop of mean stellar age at high distances, |z|, from the disc

midplane explains the inversion in [α/Fe] gradients with in-

creasing mean z found by Anders et al. (2014) in APOGEE

data.

8
Chemo-dynamical modeling of the Milky

Way
So far we have focused on the dynamics of the Milky Way

disc, which tells us mostly about its current state. To be able

to go back in time and infer the Milky Way evolutionary

history, however, we need to include both stellar chemical

and age information.

8.1
Summary of Milky Way chemo-dynamical

evolution modeling techniques

A major consideration in a disc chemo-dynamical model

is taking into account the effect of radial migration, i.e.,

the fact that stars end up away from their birth places.

Below we briefly summarize models which include radial

migration.
• Semi-analytical models tuned to fit the local metal-

licity
distribution, velocity

dispersion, and
chemi-

cal gradients, etc., today
(e.g., Kubryk et al. 2015;

Schönrich & Binney
2009a) or Extended

distribution

functions (Sanders & Binney, 2015):

− Easy to vary parameters

− Provide good description of the disc chemo-kinematic

state today
− Typically not concerned with the Milky Way past history

− Time and spatial variations of migration efficiency due to

dynamics resulting from non-axisymmetric disc structure is

hard to take into account.

• Fully self-consistent cosmological simulations (e.g.,

Kawata and Gibson 2003; Scannapieco et al. 2005;

Kobayashi and Nakasato 2011; Brook et al. 2012):

− Dynamics self-consistent in a cosmological context

− Can learn about disc formation and evolution

− Not much control over final chemo-kinematic state

− Problems with SFH and chemical enrichment due to

unknown subgrid physics

− Much larger computational times needed if chemical

enrichment included.

Copyright line will be provided by the publisher
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Selection function

Xiang et al. 2017 arXiv:1707.06236

6 Xiang et al.

Figure 4. Differences of temperature scales of Casagrande et al.
(2010) and Huang et al. (2015) as a function of Teff for different
[Fe/H].

Figure 5. Example of sample selection criteria in the Teff–MV

diagram for the solar metallicity bin. The background grey scale
map shows the number density (in 10-based logarithmic scale) of
stars of −0.05 < [Fe/H] < 0.05 dex in the value-added catalog.
Blue curves, from left to right, are Y2 isochrones of ages ranging
from 1 to 16Gyr for [Fe/H]=0.0 and [α/Fe] = 0.0 dex. Stars falling
within the two red curves constitute the main sequence turn-off
and subgiant sample stars for this solar metallicity bin.

quence stars.

3. SAMPLE SELECTION

We define a sample of MSTO and subgiant stars
for which reliable stellar ages can be determined via
isochrone fitting. In doing so, we first trace the locus
of MSTO in the Teff – MV plane using the Yonsei-Yale
(Y2) isochrones, similar to the technique of Xiang et al.
(2015b) except in the latter case the analysis was car-

ried out in the Teff – log g plane instead. This is done
for isochrones with [Fe/H] from −3.0dex to +0.5dex
with a step of 0.1 dex. For each [Fe/H], an [α/Fe] value
is adopted, which increases from 0.0 dex for [Fe/H] ≥
0.0 dex to 0.3 dex for [Fe/H] ≤ −1.0dex. Similarly, the
trajectory of the base of red giant branch (RGB) is also
determined in the Teff – MV plane. Let MTO

V
, a function

of Teff , denote the trajectory of the MSTO, and T bRGB
eff ,

a function of MV , denote the trajectory of the base of
RGB. The sample stars are then defined by requiring,

Teff > T bRGB
eff +∆Teff , (1)

MV < MTO
V +∆MV , (2)

where ∆Teff is set to reduce contamination from RGB
stars due to the errors in Teff estimation, and is set to
be a constant of 300K. ∆MV is set to be a function of
Teff : ∆MV = 0.0005× (Teff − TMINISO

eff ), where TMINISO
eff

is the minimum temperature of MSTO of isochrones for
a given set of [Fe/H] and [α/Fe]. Fig. 5 plots an example
of the criteria for [Fe/H] = 0 and [α/Fe] = 0 dex. Our
choice of ∆MV ensures that main sequence stars of high
temperature (e.g. > 6500K) are also included in our
sample, as their ages can be well-estimated. Note that
trajectories of the MSTO and base RGB in the Teff –
MV plane, as well as the adopted TMINISO

eff , for different
metallicities are listed in the Appendix.
To select sample stars from the value-added cata-

log, we first discard stars of saturated spectra, by
requiring SATFLAG = 0, stars potentially suffer-
ing from significant fiber cross-talking, by requiring
SNR− BRIGHTSNR > −150, and stars observed with
bad fibers, by requiring BADFIBER = 0. For stars with
duplicate observations, only results based on the spec-
trum of highest SNR are selected. Results of unique
stars are then grouped into [Fe/H] bins of width 0.1 dex.
MSTO and subgiant sample stars of the individual metal-
licity bins are then selected using the criteria defined
by Eqs. (1) and (2). To reduce potential contamina-
tion from giant and supergiant stars, as well as to en-
sure the robustness of stellar parameters used to defined
the sample, we require that the sample stars must have
Teff < 10000K, log g > 3.0 dex, [Fe/H] > −1.0 dex and a
spectral SNR higher than 20. Note that several sets of
stellar parameters are provided in the value-added cat-
alog. The parameters adopted here refer to the recom-
mended ones. The [Fe/H] cut above is used to discard
metal-poor halo stars, whose LSP3 stellar parameters
may need some further improvement, and thus to leave
us with a pure disk star sample. Finally, for each metal-
licity bin, stars that stray into the area in the Teff – MV

plane beyond the boundary defined by isochrones of age
16Gyr towards the direction of lower temperatures, are
discarded. With the above criteria, a total of 932,313
unique MSTO and subgiant sample stars are selected.
Here and later, we use the term ‘MSTO-SG stars’ to
denote those selected MSTO and subgiant stars for con-
venience. We note that there are 420,000 duplicate ob-
servations of these MSTO-SG stars in the value-added
catalog.
Fig. 6 plots the distributions of r-band magnitudes,

SNRs, [Fe/H], MV , distances and distance errors of the
MSTO-SG sample stars. The stars have r-band mag-

• LAMOST MSTO age-map 
– several selection functions at 

play

– LAMOST target selection + 

weather/fibre allocation etc

– analysis of MSTO stars only 

possible for certain (inferred) 
stellar parameters

–How do you combine this to 

understand what the map 
actually is telling you?


• All surveys need to carefully 
monitor and document their 
selection function(s)

make black box like for note



• Δ=0.45 km s-1  σ=1.75 km s-1 (GALAH-RAVE)

• Δ=0.05 km s-1  σ=0.81 km s-1 (GALAH-APOGEE)

• σRV ∝ R-3/2  (––> 4.3 times as large error in RAVE as in GALAH)

• Median scatter in APOGEE single stars ~0.2 km s-1

• Offsets always need to be understood 

• For elemental abundances the situation will be more acute

Precision & accuracy

Martell et al. 2017 MNRAS 465 3203

GALAH Observational Overview 27

Figure 10. A comparison of GALAH radial velocities with values from RAVE (left panel) and APOGEE (right panel). The
x-axis is the GALAH radial velocity in km s�1 while the y-axis is the di↵erence between the GALAH value and that from the
other survey, in the sense (GALAH-other). Color, as denoted by the bar, indicates the number density of stars. The right hand
portion of each figure shows the distribution of the di↵erence in radial velocity. The top left corner lists the mean and standard
deviation in radial velocity di↵erence.

typical radial velocity uncertainty of 2 km s�1, this is very good agreement. APOGEE is

also consistent with GALAH, showing a mean o↵set of 0.05±0.81 km s�1 (Figure 10, right

panel).

For the stellar parameter determination, we use a combination of the spectral synthesis

program Spectroscopy Made Easy (SME) (Valenti & Piskunov 1996; Piskunov & Valenti

2016) and the data-driven Cannon by Ness et al. (2015). This approach delivers both accu-

rate and precise parameters and is computationally inexpensive, as The Cannon takes only

0.13 seconds to compute seven stellar labels for one spectrum.

We first use SME to determine stellar parameters and [↵/Fe] abundances for a subset

of 2576 GALAH stars spanning the entire range of parameters covered by the survey. This

subsample is then used as the training data set for The Cannon. To obtain the highest pre-

cision and accuracy, this representative training set is comprised of only high quality spectra

(SNR > 95 per resolution element), as well as high-fidelity validation targets including ob-

served benchmark stars with reliable, independent stellar parameters (Heiter et al. 2015),

well studied open and globular cluster stars, and stars with confirmed asteroseismic surface

gravities.

Our initial estimates for Te↵ , log(g) and [Fe/H] are determined through cross-correlation

against a grid of AMBRE model spectra that is larger and more finely sampled than the

grid used for radial velocity determination, as decribed in (Kos et al. 2016). SME takes these

as input and determines the stellar parameters by fitting synthetic spectra to observations,

returning optimal parameters corresponding to the minimum �2 (Piskunov & Valenti 2016).

The SME synthesis employs MARCS model atmospheres (Gustafsson et al. 2008), and in-

cludes NLTE corrections for Fe (Lind et al. 2012). The global parameters Te↵ , log(g), [Fe/H],

vmic, Vsin i, and vrad are optimized for unblended lines in the spectra, including the H↵, H�,

MNRAS 000, ??–?? (2016)
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• Effects of stellar evolution.

• Evidence that selective diffusion occurs in stars 

at MS and TOP in globular clusters and M67.

• Up to 0.2 dex.

Diffusion changes 
abundance patterns

Önehag et al. 2014 A&A 562 A102 
Korn et al. 2007 ApJ 671 402 
Gruyters et al. 2013 A&A 555 A31
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!  Atomic diffusion at work in Globular Clusters 

 

!  Detailed (NLTE) abundance analyses on HR and MR spectra 

!  Evidence for NGC 6397, NGC 6752 and NGC 6121 (M4) 

NGC 6397 
[Fe/H] = −2.1 

Korn et al. 2007 

NGC 6752 
[Fe/H] = −1.6 

Gruyters et al. 2013 

NGC 6121 
[Fe/H] = −1.1 

Gruyters et al. 2015 

Third example



• Effects of stellar evolution.

• Evidence that selective diffusion occurs in stars 

at MS and TOP in globular clusters and M67.

• Up to 0.2 dex.
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This is just one example - 
NLTE and 3D atmospheres



• Past, on-going and future surveys will provide spectra for 10s of 
millions of stars in the near future enabling exciting research


• The spectra will provide RVs and from them we can derive 
elemental abundances


• There are several challenges that need to be addressed:

‣ Huge datasets requires “new” methods for abundance 

analysis, e.g. Cannon

‣ Understanding the influence of the selection functions on the 

results is crucial

‣ Many surveys = need to ensure all data are on the same 

scale to be able to combine the data for a deeper 
understanding of the Milky Way

Summary
Need to construct this slide.

Venn diagram?

Any references?

Two Feltzing proceedings?
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Diffuse interstellar bands in 
spectroscopic surveys

• DIBs - weak but numerous absorption lines 
seen in spectra of background stars 


• allows to reconstruct absorption sites along 
the line of sight


• radial velocity shift can constrain placement 
of multiple clouds along each line of sight


• picked up in LAMOST spectra w Cannon

Zwitter & Kos 2016 Mem. S.A.It. Vol. 86 541 
Puspitarini et al. 2015A&A 573 A35 

Lan et al. 2015 MNRAS 452 3629 
Ho et al. 2017 ApJ 836 5   

 

L. Puspitarini et al.: Extraction of multicomponent diffuse interstellar bands

Fig. 7. 6283, 6614, and 8620 Å DIB EWs as a function of the extinction
for CoRoT ANTI CENTER field targets.

curve, lower panel), with no corresponding anomalously small
DIBs. Interestingly, this target star has seismological parameters
that markedly disagree with the spectrophotometric determina-
tions (R.A. Peralta, priv. comm.), and for this reason its distance
and extinction determination may be incorrect. It is encourag-
ing that our most discrepant result points to this contradiction.
At large distance, it is unclear whether the strong increase be-
yond 4 kpc corresponds to the Outer Arm. Its location agrees
well with a crossing of the Outer Arm internal part as it ap-
pears in the schematic Galactic map of Churchwell et al. (2009)
(see Fig. 20). Moreover, the total reddening E(B − V) from the
Planck map (Planck Collaboration XI 2014) varies between 0.5
and 0.9 across the field covered by the targets (∼20 × 25 ar-
cmin wide), and the spectrophotometric extinction (or the sim-
ilar DIB-based extinction) for the most distant stars is found
to reach the Planck integrated value (the highest value is even
slightly above the Planck value in the direction of the corre-
sponding target). However, we do not detect clearly a corre-
sponding distinct and strong shift in radial velocity (see the dis-
cussion about the kinematics below).

Figure 7 displays the variations of the three DIBs as a func-
tion of the estimated extinction A0 based on all of the target stars
in the field. The figure clearly shows that the three DIBs ap-
pear to be linearly correlated with the extinction. Our three se-
lected DIBs are among those that are reasonably well correlated
with extinction in average conditions. However, previous stud-
ies based on early-type stars have revealed a strong dispersion

Fig. 8. Evolution of the DIB profile with target distance. Left: the 6614Å
DIB absorption spectral profile up to stars at increasing distances along
the CoRoT anticentre direction (l, b = 213◦, −2◦). We show the aver-
age of stacked extracted, normalized absorption spectra sorted by stel-
lar distances (an offset of 0.5 in y-axis separates the two spectra). The
continuum on the blue side of the DIB is affected by strong stellar lines
that are insufficiently corrected for. The first (top) spectrum corresponds
to the first kpc, the last (bottom) spectrum to distances between 4 and
6 kpc. Right: comparisons between one- and two-DIB component ad-
justments for close and distant stars. Distant stars require at least two
DIBs separated by more than 20 km s−1 (see text).

about the mean relationship and in particular many outliers that
correspond to the bright UV stars. Here we note that there are no
equivalent outliers, which is probably due to our cool target stars
and our integrations over large distances. This corresponds to a
less severely modulated character of the sightline, or the ISM
varies more moderately (see the combined results in Sect. 4.3).

The need for a multicomponent analysis for the CoRoT AC
field and the narrow 6614 Å band is illustrated in Fig. 8. For each
star we derived the full absorption attributable to the DIB in the
following manner: the full profile-fitting (whose results are de-
scribed below) was performed first. The fitted continuum and the
adjusted stellar spectrum were used to subtract the modeled stel-
lar lines from the normalized spectrum, leaving solely the DIB.
Within stellar line residuals, this provides the full DIB absorp-
tion independently of its assumed intrinsic shape and the number
of components. After sorting the targets by increasing distance,
we averaged the absorption profiles over groups of eight stars
each. The resulting profiles for each distance bin are displayed
in Fig. 8 as a function of the heliocentric velocity. The figure
shows that the DIB depth increase with distance is accompanied
by a significant velocity shift toward higher positive values, as
expected from the rotation curves in this direction. The value of
the strongest shift, on the order of 20 km s−1, is not negligible
w.r.t. the DIB width for a single cloud and requires a multi-cloud
fitting procedure. We show how this need for at least two shifted
DIBs is a function of the LOS extent by fitting with one and then
two components the mean profiles obtained from stars located
between 1 and 1.3 kpc on one hand, and from stars located be-
yond 5 kpc on the other hand. For the most distant stars there is
a strong, highly visible discrepancy between the observed pro-
file and the adjustment with a single DIB, while the adjustment
with two DIBs separated by about 30 km s−1 is acceptable. For
the closer stars the differences between the two adjusted models
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Fig. 6.— Top: full sky map of DIB absorption in Galactic coordinates estimated from more than 250,000 stellar spectra. Our correlation
analyses are based on about 5,000 deg2 corresponding to regions with EB�V > 0.02 mag. Regions with lower dust column densities, i.e.
EB�V < 0.02 mag, are used to define reference stars. The angular resolution of this map is about 1 deg2 and the typical distance from
stars to the Sun is about 2-3 kpc, mildly depending on latitude. Due to variation in the density of available spectroscopic data, some of
the pixels of this map are signal or noise dominated. Bottom: smoothed version of the full sky map of DIB absorption, which is created by
using a Gaussian kernel with FWHM= 5�. This map is signal dominated and reveals the morphology of DIB absorption in the sky. The
map can be viewed interactively at http://www.pha.jhu.edu/~tlan/DIB_SDSS/.
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Precision required

Plot based on data from Klaus Furhmann’s studies (priv. comm.)

Dwarf stars

~0.2 dex
Nissen & Schuster

low-α halo

Example of typical high precision/accuracy data.

4MOST 2h exposure shall give: 

– LR RVs at V=20 (SNR=10/Å)

– HR abundances at V=15.5 (SNR=140/Å)



Sheer number do not 
beat low precisionA&A 553, A94 (2013)
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Fig. 3. Examples of probability plots for the test statistic t(x) obtained
in Monte-Carlo simulations for sample sizes N = 102, 103, and 104

(top to bottom). In each diagram the solid curve shows, as a function
of the critical value C, the probability that t exceeds C under the null
hypothesis (r = 0). The dashed curves show the probabilities under the
alternative hypothesis (r > 0) for the r-values indicated in the legend. In
the bottom diagram the dotted curve gives, for comparison, the expected
distribution of D

⇥
N for a one-sample K–S test in which F is the true

distribution (without adjusting µ and ⌅); see footnote 3.

It should be remembered that these results were obtained
with a very specific set of assumptions, including: (1) measure-
ment errors (and/or internal scatter) that are purely Gaussian;
(2) that the two populations in the alternative hypothesis are
equally large; (3) the use of the particular statistic in Eq. (1);
and (4) the choice of significance (a probability of falsely reject-
ing H0 less than � = 0.01) and power (a probability of correctly
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Fig. 4. Minimum sample size needed to distinguish two equal Gaussian
populations, as a function of the separation of the population mean in
units of the standard deviation of each population. The circles are the
results from Monte-Carlo simulations as described in the text, using a
K–S type test with significance level � = 0.01 and power 1 � ⇥ = 0.99.
The curve is the fitted function in Eqs. (2) or (3).

rejecting H0 greater than 1 � ⇥ = 0.99). Changing any of these
assumptions would result in a di�erent relation4 from the one
shown in Fig. 4. Nevertheless, this investigation already indi-
cates how far we can go in replacing spectroscopic resolution
and signal-to-noise ratios (i.e., small measurement errors) with
large-number statistics. In particular when we consider that real
data are never as clean, nor the expected abundance patterns as
simple as assumed here, our estimates must be regarded as lower
bounds to what can realistically be achieved.

4. Accuracy and precision in stellar abundances

We have no knowledge a priori of the properties of a star and no
experiment to manipulate in the laboratory but can only observe
the emitted radiation and from that infer the stellar properties.
Therefore the accuracy5 of elemental abundances in stars is of-
ten hard to ascertain as it depends on a number of physical e�ects
and properties that are not always well-known, well-determined,
or well-studied (Baschek 1991). Important examples of relevant
e�ects include deviations from local thermodynamic equilib-
rium (NLTE) and deviations from 1D geometry (Asplund 2005;
Heiter & Eriksson 2006). Additionally, systematic and random
errors in the stellar parameters will further decrease the accuracy
as well as the precision within a study.

An interesting example of the slow convergence of the de-
rived iron abundance in spite of increasing precision is given
in Gustafsson (2004), where he compares literature results for
the well studied metal-poor sub-giant HD 142083. Over time the
error-bars resulting from line-to-line scatter decreases thanks to

4 Experiments with unequally large populations in HA suggest that the
power of the test is not overly sensitive to this assumption, as long as
there is a fair number of stars from each population in the sample.
5 “Accuracy” refers to the capability of a method to return the correct
result of a measurement, in contrast to precision which only implies
agreement between the results of di�erent measurements. It is possible
to have high precision but poor accuracy, as is often the case in astron-
omy. For the purpose of the study of trends in elemental abundances in
the Milky Way both are important, but for practical reasons most studies
are concerned with precision rather than accuracy.
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• Both measure a gap of 0.2 dex

• One needs < 100 stars, the 

other >100 000 stars

Lee et al. (2011)


